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Abstract
The observed thermal relaxation of transiently accreting neutron stars during quiescence periods
in low-mass X-ray binaries suggests the existence of unknown heat sources in the shallow layers of
neutron-star crust. Making use of existing experimental nuclear data, we estimate the maximum
possible amount of heat that can be deposited in the outer crust of an accreting neutron star due
to electron captures and pycnonuclear fusion reactions triggered by the burial of X-ray burst ashes.
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I. INTRODUCTION
The accretion of matter onto a neutron star in a low-mass X-ray binary induces various
nuclear processes leading to remarkable astrophysical phenomena [1–3]. In these systems,
matter is transferred from a low-mass stellar companion to a neutron star via an accretion
disk. The hydrogen-rich material that accumulates at the surface of the neutron star burns
steadily producing a thick helium layer. Once the critical conditions for helium ignition
are reached (typically at density of order 107 g cm−3), the overlying envelope is converted
into heavier nuclides within seconds. These thermonuclear explosions are observed as X-
ray bursts, with luminosity up to about 1038 erg s−1 (corresponding approximately to the
Eddington limit), and with a typical decay lasting a few tens of seconds. The X-ray bursts
are quasiperiodic, with typical recurrence time of about hours to days. Less frequent but
more energetic are superbursts lasting for a few hours with recurrence timescales of several
years. With a total energy of order 1042 erg, superbursts are likely to be triggered by the
unstable carbon burning in deep layers of the outer crust.
In most X-ray binaries, accretion is not persistent but occurs sporadically. In particu-
lar, soft X-ray transients (SXTs) exhibit active periods of weeks to months separated by
quiescence periods of years to decades during which there is very little or no accretion.
So-called quasipersistent SXTs remain active for years to decades. As matter accumulates
on the neutron-star surface, ashes of X-ray bursts are buried into deeper layers and further
processed (see, e.g., Ref. [4] for a recent review). These reactions release about 1.5-2 MeV
per accreted nucleon in the inner crust (see, e.g. Refs. [5–7] and references therein). During
quiescence periods, the heat is transported to the surface thus cooling down the star. In
quasipersistent SXTs, the accretion can last long enough for the crust to be driven out of
thermal equilibrium with the core. X-ray observations thus provide unique probes of the
neutron-star crust properties [8].
The evolution of the effective surface temperature of a few quasipersistent SXTs during
quiescence has been inferred from observations of their thermal emission [9]. The thermal
relaxation of the crust is still not fully understood. In particular, the interpretation of the
cooling data requires the existence of some unknown heat sources in the shallow layers of
the crust [10–27], as summarized in Table I. In most cases, the extra heat, typically released
in the outer crust at densities below about 1010 g cm−3, amounts to about 1-2 MeV per
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TABLE I. Heat per one accreted nucleon (in MeV) deposited in the shallow layers of accreting
neutron-star crusts, as required by cooling simulations to fit the observational data. The indicated
amount of heat may correspond to different accretion periods.
Swift J174805.3−244637 1.4 [15]
XTE J1701−462 0.17 [16]
EXO 0748−676 0.35-1.8 [13]
MXB 1659−29 0.8[10], 1-1.2[27], 1.6[16]
KS 1731−260 1.38±0.18 [18, 19]
Aql X-1 0.9-3.7 [20, 24], 2.3-9.2 [26]
IGR J17480−2446 1[11, 12, 25]-3.8[16]
1RXS J180408.9−342058 0.9 [23]
MAXI J0556−332 6-17[14, 17, 22]
HETE J1900.1−2455 0-3[21]
accreted nucleon with the notable exceptions of MAXI J0556−332 and Aql X-1. Part of this
shallow heating could be explained by uncertainties in the accretion rate [13, 16, 19] and the
envelope composition [24]. The latent heat accompanying the crystallization of the crust
represents only a few keV at most (see e.g. Section 2.3.4 in Ref. [28]). Compositionally driven
convection in the ocean could account for about 0.2 MeV per nucleon [29–31]. Differential
rotation between the liquid ocean and the solid crust could be another source of heating [32].
In this paper, we study the maximum amount of heat that can possibly be deposited in
the shallow layers of the outer crust of an accreting neutron star, from electron captures by
nuclei and pycnonuclear fusion reactions making use of the available experimental nuclear
data.
II. MICROSCOPIC MODEL OF ACCRETED NEUTRON-STAR CRUSTS
A. Compression of X-ray burst ashes
During accretion, X-ray burst ashes, produced at densities ρ <∼ 10
7 g cm−3, sink deeper
and deeper under the weight of continuously accumulated material. Let us consider the
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compression of a layer composed of nuclei (A,Z) with proton number Z and mass number
A. Although the crust of accreting neutron stars is expected to contain a mixture of various
nuclear species (see, e.g. [5, 7]), the amount of heat deposited by nuclear processes, which
is the main focus of this work, was shown to be well reproduced by the single-nucleus
approximation [6, 7, 33]. At the densities of interest (ρ > 108 g cm−3), atoms are fully
ionized by the tremendous pressure [28]. For temperatures of order 108 K, the shallowest
regions of accreted neutron-star crusts remain liquid. Crystallization to a body-centered
cubic lattice occurs at temperature Tm, given by [28]
Tm =
e2
aekBΓm
Z5/3 ≈ 1.3× 105Z2
(ρ6
A
)1/3
K , (1)
e being the elementary electric charge, ae = (3/(4pine))
1/3 the electron-sphere radius, ne
the electron number density, kB Boltzmann’s constant, Γm ≈ 175 the Coulomb coupling
parameter at melting, and ρ6 = ρ/10
6 g cm−3. At the lowest densities considered here, the
temperature T is typically of the same order as Tm so that the Coulomb liquid is very close
to the crystallization transition, and is strongly coupled to the extent that the temperature
T is much smaller than Tℓ defined by [28]
Tℓ =
Z2e2
aikB
≈ 2.3× 107Z2
(ρ6
A
)1/3
K , (2)
where ai = (3/(4pinN))
1/3 is the ion-sphere radius and nN is the number density of ions
(bare atomic nuclei). Because the temperature T is much lower than the electron Fermi
temperature defined by
TFe =
µe −mec
2
kB
≈ 6.0× 109
(
Z
A
ρ6
)1/3
K , (3)
where µe is the electron Fermi energy, me the electron mass, and c is the speed of light,
electrons are highly degenerate. In what follows, the thermal contributions to the thermo-
dynamic potentials will be neglected, and calculated at T = 0 K.
Because matter is “relatively cold”, thermonuclear processes are strongly suppressed.
However, nuclei may capture electrons with the emission of neutrinos in two steps:
(A,Z) + e− −→ (A,Z − 1) + νe , (4)
(A,Z − 1) + e− −→ (A,Z − 2) + νe + q . (5)
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The first capture proceeds in quasi-equilibrium, with negligible energy release. The daughter
nucleus is generally highly unstable, and captures a second electron off equilibrium with an
energy release q. In hydrostatic equilibrium, the pressure throughout the star must vary
continuously so that this process occurs at a fixed pressure Pβ. Since the temperature is
also fixed, and the nucleon number is conserved, the suitable thermodynamic potential for
determining the equilibrium composition of the crust is the Gibbs free energy per nucleon
g [34, 35]. In particular, a nucleus will be unstable against electron captures if the Gibbs
free energy per nucleon is higher than that of its daughter nucleus. The reaction (4) will
generally involve a transition from the parent nucleus ground state to the lowest excited
state of the daughter nucleus, as determined by Fermi and Gamow-Teller selection rules.
However, if the parent nucleus sinks slowly enough as compared to the timescale of electron
captures, a transition to the daughter nucleus ground state may occur at a lower pressure.
We shall consider these two scenarios. At high enough densities, light nuclei such as carbon
and oxygen may fuse [5, 36]. We shall also study such pycnonuclear reactions. As nuclei sink
deeper into the crust, they become so neutron rich that they are unstable against neutron
emission [37, 38]. After capturing an electron, the nucleus (A,Z) will thus transform into a
nucleus (A−∆N,Z − 1) with the emission of ∆N neutrons n and an electron neutrino νe :
(A,Z) + e− → (A−∆N,Z − 1) + ∆Nn + νe . (6)
The onset of neutron emission delimits the boundary between the outer and inner crusts.
Neutrons may also be transferred between nuclei [39]. However, the rates of these reactions
remain very uncertain. We shall therefore not consider these reactions.
B. Gibbs free energy per nucleon
The Gibbs free energy per nucleon at pressure P is defined by
g =
E + P
n¯
, (7)
where n¯ is the average nucleon number density, and E is the average energy density. For
typical temperatures of order 107 K, we can safely assume that before capturing electrons
nuclei are in their ground state. Their energy density EN is thus given by
EN = nNM
′(A,Z)c2 , (8)
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where M ′(A,Z) denotes the nuclear mass (including the rest mass of Z protons, A − Z
neutrons and Z electrons 1). After the first electron capture, the daughter nucleus may be
in an excited state with an energy Eex(A,Z). To account for such a possibility, we shall
therefore introduce the Gibbs free energy per nucleon g∗ of excited nuclei with the nuclear
energy density
E∗N = nN
[
M ′(A,Z)c2 + Eex(A,Z)
]
. (9)
To a very good approximation, electrons can be treated as an ideal relativistic Fermi gas.
The expression of the electron energy density Ee and pressure Pe can be found in Chap. 2 of
Ref. [28]. The main correction arises from electrostatic interactions. For a strongly coupled
one-component plasma of pointlike ions in a uniform charge compensating background of
electrons, the electrostatic energy density is of the form (see e.g. Chapter 2 of Ref. [28])
EL = Ce
2n4/3e Z
2/3 , (10)
where C is a dimensionless constant. We have omitted here the negligibly small contribution
due to (thermal and/or quantum) motion of ions about their equilibrium position [40]. The
lattice contribution to the pressure is thus given by
PL = n
2
e
d(EL/ne)
dne
=
EL
3
. (11)
In the liquid phase, this constant is about C ≈ −1.4621 (this value was calculated using
the constant A1 in Ref. [28] page 75 as C = A1(4pi/3)
1/3) while its value in the solid phase
(considering a body-centered cubic lattice) is about C ≈ −1.4442 [28]. In the following, we
shall adopt the Wigner-Seitz estimate [41]
C = −
9
10
(
4pi
3
)1/3
≈ −1.4508 . (12)
This model is further refined by taking into account electron exchange and polarization ef-
fects as in Ref. [42]. The first correction is included by rescaling the energy density Ee and
the electron pressure Pe by a factor 1+α/(2pi), where α = e
2/(h¯c) is the fine structure con-
stant. Electron polarization effects are included by introducing the effective charge number
in the electrostatic contributions
Zeff ≡ Zσ(Z)
3/2 , (13)
1 The reason for including the electron rest mass in M(A,Z) is that atomic masses are generally tabulated
rather than nuclear masses.
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where
σ(Z) = 1 + α
124/3
35pi1/3
b1(Z)Z
2/3 , (14)
and the function b1(Z) is given by [43]
b1(Z) = 1− 1.1866Z
−0.267 + 0.27Z−1 . (15)
Although this expression of the electron polarization was obtained for a Coulomb crystal,
it still remains essentially the same for a strongly coupled Coulomb liquid [28]. We shall
therefore adopt the same expression in both phases. Note that the effects of electron charge
polarization is to effectively increase the proton number Zeff > Z. For a discussion of
higher-order corrections, see e.g. Ref. [44]. Collecting all terms, and imposing electric
charge neutrality ne = ZnN , the Gibbs free energy (7) can thus be written as [42]
g =
M ′(A,Z)c2
A
+
Z
A
[
µe
(
1 +
α
2pi
)
−mec
2 +
4
3
Cαh¯cn1/3e Z
2/3
eff
]
. (16)
where µe = (Ee+Pe)/ne is the electron Fermi energy. For nuclei in excited states, the Gibbs
free energy per nucleon g∗ takes a similar form except that M ′(A,Z)c2 must be replaced by
M ′(A,Z)c2 + Eex(A,Z). The pressure reads [42]
P = Pe
(
1 +
α
2pi
)
+
C
3
e2n4/3e Z
2/3
eff . (17)
We have neglected the thermal pressure of ions, which is of order αZ2/3(T/Tℓ)Pe [28]. In the
regime of ultrarelativistic electrons µe ≫ mec
2, the pressure is approximately given by [42]
P ≈
µ4e
12pi2(h¯c)3
[
1 +
α
2pi
(
1 +
8
3
C
(pi
3
)1/3
Z
2/3
eff
)]
. (18)
Solving for µe ≈ h¯c(3pi
2ne)
1/3 and substituting in Eq. (16), the Gibbs free energy per nucleon
can thus be explicitly expressed as a function of A, Z, and P :
g ≈
M ′(A,Z)c2
A
+
Z
A
[
1 +
α
2pi
(
1 +
8
3
C
(pi
3
)1/3
Z
2/3
eff
)]3/4
(12pi2h¯3c3P )1/4 . (19)
Let us stress however that this expression is only valid in the ultrarelativistic regime for
electrons.
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C. Onset of nuclear processes
The onset of electron captures by nuclei is determined by the condition g(A,Z, Pβ) =
g(A,Z − 1, Pβ), assuming that the daughter nucleus is in its ground state. This condition
can be expressed to first order in α as [42]
µe
(
1 +
α
2pi
)
+ Cαh¯cn1/3e F (Z) = µ
β
e , (20)
F (Z) ≡ Z5/3σ(Z)− (Z − 1)5/3σ(Z − 1) +
1
3
Z2/3σ(Z) , (21)
µβe (A,Z) ≡ −QEC(A,Z) +mec
2 , (22)
where we have introduced the Q-value (in vacuum) associated with electron capture by
nuclei (A,Z)
QEC(A,Z) = M
′(A,Z)c2 −M ′(A,Z − 1)c2 . (23)
These Q-values can be obtained from the tabulated Q-values of β decay by the following
relation
QEC(A,Z) = −Qβ(A,Z − 1) . (24)
Note that if QEC(A,Z) > 0, the nucleus (A,Z) is unstable against electron captures at any
density. Following the analyses of Refs. [45, 46] and recalling that the electron Fermi energy
is given by
µe = mec
2
√
1 + x2r , (25)
where xr = λeke, λe = h¯/(mec) is the electron Compton wavelength, and ke = (3pi
2ne)
1/3 is
the electron Fermi wave number, the threshold condition (20) can be transformed into the
quadratic polynomial equation
x2r
[(
1 +
α
2pi
)2
− F˜ (Z)2
]
+ 2γβe F˜ (Z)xr = (γ
β
e )
2
−
(
1 +
α
2pi
)2
, (26)
with
γβe ≡
µβe
mec2
, (27)
F˜ (Z) ≡
C
(3pi2)1/3
αF (Z) . (28)
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Solving Eq. (26) for xr yields
xr = γ
β
e
{(
1 +
α
2pi
)√
1−
[(
1 +
α
2pi
)2
− F˜ (Z)2
]
/(γβe )2 − F˜ (Z)
}
×
[(
1 +
α
2pi
)2
− F˜ (Z)2
]
−1
. (29)
Using Eq. (17) and the expression for the ideal electron Fermi gas pressure (see Chapter 2
in Ref. [28]), the pressure at the onset of electron captures is given by
Pβ(A,Z) =
mec
2
8pi2λ3e
[
xr
(
2
3
x2r − 1
)√
1 + x2r + ln(xr +
√
1 + x2r)
](
1 +
α
2pi
)
+
Cα
3(3pi2)4/3
x4r
mec
2
λ3e
Z
2/3
eff . (30)
The corresponding average nucleon number density is given by
n¯β(A,Z) =
A
Z
x3r
3pi2λ3e
. (31)
The transition is accompanied by a discontinuous change of density given by (see Eqs. (9)
and (10) of Ref. [46])
∆n¯
n¯β
=
Z
Z − 1
[
1 +
Cα
(3pi2)1/3
(
Z
2/3
eff − (Z − 1)
2/3
eff
) √1 + x2r
xr
(
1 +
α
2pi
)
−1
]
− 1 . (32)
We have made use of the Gibbs-Duhem relation dPe = nedµe. In the limit of ultrarelativistic
electrons, the average threshold baryon density and pressure reduce to the expressions given
by [42]
n¯β(A,Z) ≈
A
Z
µβe (A,Z)
3
3pi2(h¯c)3
[
1 +
α
2pi
+
Cα
(3pi2)1/3
F (Z)
]
−3
, (33)
Pβ(A,Z) ≈
µβe (A,Z)
4
12pi2(h¯c)3
[
1 +
α
2pi
+
4CαZ
2/3
eff
(81pi2)1/3
][
1 +
α
2pi
+
Cα
(3pi2)1/3
F (Z)
]
−4
. (34)
The threshold condition for transitions to nuclei in excited states is g(A,Z, P ∗β ) = g
∗(A,Z−
1, P ∗β ). The corresponding pressure P
∗
β and density n¯
∗
β(A,Z) can be obtained from the
previous formulas by merely substitutingM ′(A,Z−1)c2 withM ′(A,Z−1)c2+Eex(A,Z−1).
Because Eex(A,Z − 1) ≥ 0, such transitions occur at higher pressure P
∗
β ≥ Pβ and density
n¯∗β(A,Z) ≥ n¯β(A,Z).
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As discussed in Refs. [37, 38], the first electron capture by the nucleus (A,Z) may be
accompanied by the emission of ∆N > 0 neutrons. The corresponding pressure Pdrip and av-
erage baryon density n¯drip are given by similar expressions as Eqs. (30) and (31) respectively,
except that the threshold electron Fermi energy µβe (A,Z) is now replaced by
µdripe (A,Z) = M
′(A−∆N,Z − 1)c2 −M ′(A,Z)c2 +∆Nmnc
2 +mec
2 , (35)
assuming that the daughter nucleus is in the ground state. Transitions to excited states
can be taken into account by adding the suitable excitation energy Eex(A−∆N,Z − 1) to
M ′(A−∆N,Z − 1)c2. Neutron emission will thus occur whenever µdripe (A,Z) < µ
β
e (A,Z).
III. SHALLOW HEATING
A. Heat sources
The heat released by electron captures can be determined analytically as follows. The
reaction (4) will be generally almost immediately followed by a second electron capture (5) on
the daughter nucleus provided g(A,Z−2, Pβ) < g(A,Z, Pβ) or g(A,Z−2, P
∗
β ) < g(A,Z, P
∗
β )
depending on whether the daughter nucleus after the first capture is in its ground state or
in an excited state respectively. The maximum possible amount of heat deposited in matter
per one accreted nucleus is given by
Q(A,Z) = A
[
g(A,Z, Pβ)− g(A,Z − 2, Pβ)
]
(36)
in the first case, and
Q
∗(A,Z) = A
[
g(A,Z, P ∗β )− g(A,Z − 2, P
∗
β )
]
, (37)
in the second case. The corresponding amounts of heat per one accreted nucleon are given by
q(A,Z) ≡ Q(A,Z)/A and q∗(A,Z) ≡ Q∗(A,Z)/A respectively. These estimates represent
upper limits since part of the energy is radiated away by neutrinos. Neutrino losses associated
with second electron capture, Eq.(5), and additional heating resulting from the gamma
deexcitation of a daughter nucleus, were first studied in Ref. [47] in the context of white
dwarfs. With obvious modifications, the same method can be applied to the electron captures
in the outer crust of neutron stars [48].
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Let us first consider ground-state to ground-state transitions. The two successive electron
captures are accompanied by a small discontinuous change δne of the electron density ne.
Requiring the pressure to remain fixed Pβ(A,Z) = P (A,Z − 2) leads to
δne ≈
Cαh¯c
3
[
Z
2/3
eff − (Z − 2)
2/3
eff
]
dne
dµe
n1/3e
(
1 +
α
2pi
)
−1
, (38)
where we have made use of Eq. (17) and the Gibbs-Duhem relation dPe = nedµe. Expanding
the electron Fermi energy µe(ne+δne) to first order in δne/ne, substituting in the expression
of g(A,Z − 2, Pβ), and using Eqs. (20), (21), (22), and (38), we finally obtain
Q(A,Z) = QEC(A,Z − 1)−QEC(A,Z)
−mec
2 Cαxr
(3pi2)1/3
[
Z5/3σ(Z) + (Z − 2)5/3σ(Z − 2)− 2(Z − 1)5/3σ(Z − 1)
]
,(39)
where xr is given by Eq. (29). The first two terms can be alternatively expressed as
QEC(A,Z − 1)−QEC(A,Z) = −Qβ(A,Z − 2) +Qβ(A,Z − 1) = 2∆
(3)(A,Z − 1) , (40)
where we have introduced the isobaric three-point mass formula defined by
∆(3)(A,Z) ≡
1
2
[
2M ′(A,Z)c2 −M ′(A,Z + 1)c2 −M ′(A,Z − 1)c2
]
. (41)
Equation (39) is only valid if g(A,Z − 2, Pβ) < g(A,Z, Pβ), which is generally satisfied for
even A nuclei but not necessarily for odd A nuclei. In the latter case, we typically have
Qβ(A,Z−1) < Qβ(A,Z−2). Using Eq. (22), this implies that µ
β
e (A,Z) < µ
β
e (A,Z−1). In
other words, as the pressure reaches Pβ(A,Z), the nucleus (A,Z) decays but the daughter
nucleus (A,Z−1) is actually stable against electron capture, and therefore no heat is released
Q(A,Z) = 0. The daughter nucleus sinks deeper in the crust and only captures a second
electron in quasi equilibrium at pressure Pβ(A,Z − 1) > Pβ(A,Z).
The heatQ∗(A,Z) released from ground-state to excited state transitions can be obtained
from Eq. (39) by substitutingM ′(A,Z−1)c2 withM ′(A,Z−1)c2+Eex(A,Z−1). Neglecting
the small corrections due to electrostatic interactions, electron exchange and polarization
effects, we find
Q∗(A,Z) ≈ Q(A,Z) + 2Eex(A,Z − 1) > Q(A,Z) . (42)
For odd A nuclei, heat can thus only possibly be released if the first electron capture proceeds
via excited states of the daughter nucleus, and provided
2Eex(A,Z − 1)−Qβ(A,Z − 2) +Qβ(A,Z − 1) > 0 . (43)
11
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FIG. 1. (Color online) Heat released per one accreted nucleon (in MeV) from electron captures
by nuclei as a function of the average mass density (in g cm−3) for different ashes of X-ray bursts,
considering transitions from the ground state (gs) of the (a) even-even and (b) odd parent nucleus
to either the ground state or the first excited (1st exc.) state of the daughter nucleus.
It should be remarked that once the excited nuclei have decayed to their ground state, and
the nuclear equilibrium has been attained, the threshold densities and pressures between the
different crustal layers will be given by Eqs. (33) and (34) respectively.
In the deep regions of the crust, light nuclei may undergo pycnonuclear fusion reactions at
some pressure Ppyc. The daughter nuclei are usually highly unstable against electron captures
at that pressure, and thus decay by releasing some additional heat provided Pβ(2A, 2Z) <
Pβ(A,Z) or P
∗
β (2A, 2Z) < P
∗
β (A,Z) depending on whether transitions to ground state or
excited state are considered. An upper limit on the heat released per one accreted nucleon
can be obtained by setting Ppyc = Pβ(A,Z) or Ppyc = P
∗
β (A,Z) respectively:
qpyc(A,Z) = g(A,Z, Pβ)− g(2A, 2Z − 2, Pβ) , (44)
or
q∗pyc(A,Z) = g(A,Z, P
∗
β )− g(2A, 2Z − 2, P
∗
β ) . (45)
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FIG. 2. (Color online) Same as Fig. 1 for the main heat sources. Numbers in parentheses refer to
the mass and atomic numbers of the parent nuclei respectively.
B. Experimental constraints
We have estimated the amount of heat deposited in the outer crust of accreting neutron
stars and their location using the analytical formulas presented in the previous sections with
the available experimental nuclear data. The nuclear masses M ′(A,Z) were obtained from
measured atomic masses, as compiled in the Atomic Mass Evaluation [49], after subtracting
out the binding energy of atomic electrons according to Eq. (A4) in Ref. [50]. Excitation
energies were taken from Ref. [51]. As for the initial composition of the ashes, we considered
two different scenarios: first, the ashes are produced by an rp-process during an X-ray
burst [52, 53], and second, the ashes are produced by steady state hydrogen and helium
burning [54] as expected to occur during superbursts [55]. Heat sources associated with
electron captures are plotted in Fig. 1 as a function of the average mass density ρ = n¯mu,
where mu denotes the unified atomic mass unit. We have checked that no neutron emission
occurs for the transitions that are shown. Most of the heating is concentrated in the layers
at densities 1010 − 1011 g cm−3. As shown in Fig. 2, these sources release about an order
of magnitude more heat than those previously calculated in Refs. [6, 33, 56, 57] considering
13
TABLE II. Maximum possible heat released qpyc per one accreted nucleon from pycnonuclear
fusion followed by electron captures in the crust of an accreting neutron stars. The numbers in
parentheses indicate the contributions from the sole fusion. The pressure Ppyc and density ρpyc
at which fusion occurs were fixed by the onset of electron captures considering ground-state to
ground-state transitions (first two lines) and ground-state to excited state transitions (last line).
Ppyc ρpyc Reactions qpyc
(dyn cm−2) (g cm−3) (MeV)
6.97 × 1028 4.15× 1010 12C+12 C→24 Ne− 2e− + 2νe 1.41 (0.64)
2.72 × 1028 2.05× 1010 16O+16 O→32 Si− 2e− + 2νe 1.16 (0.58)
7.96 × 1028 4.59× 1010 16O+16 O→32 Si− 2e− + 2νe 1.39 (0.60)
ashes made of pure 56Fe or 106Pd. In particular, the capture of electrons by 18O releases
about 0.4 MeV per one accreted nucleon. As expected, transitions from the ground state
of the parent nucleus to the first excited state of the daughter nucleus are more exothermic
than ground-state to ground-state transitions. Moreover, the heat released from electron
captures by odd nuclei is negligible. Pycnonuclear fusion reactions of carbon or oxygen
followed by electron captures could be the main heat sources, as can be seen in Table II.
However, the actual amount of heat deposited depends on the abundances of these nuclei
and on the unknown density at which these reactions occurs, which in turn reflect our lack
of knowledge of reaction rates [53, 58]. To assess the validity of the analytical treatment,
we have solved numerically the threshold conditions g(A,Z, ne) = g(A,Z − 1, ne1) and
P (Z, ne) = P (Z−1, ne1) = P (Z−2, ne2) without any approximation. The relative deviations
for the transition pressure and the densities are typically of order 10−3%, one or two orders of
magnitude less for the amount of heat. For instance, considering the canonical ground-state
to ground-state transition from 56Fe to 56Cr, results obtained from Eqs. (30), (31), and (39)
differ from the exact values by −1.2× 10−3%, −9.1 × 10−4% and 3.5× 10−4% respectively.
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IV. CONCLUSIONS
The heat released from electron captures and pycnonuclear reactions in the outer crust
of accreting neutron stars is very sensitive to the structure and excitation spectra of exotic
nuclei. In particular, we have shown that the maximum amount of heat is completely
determined by the isobaric three-point mass formula (41), whereas their location depends
on the Q-values of the reactions (with excitation energies suitably added to nuclear masses
whenever the daughter nuclei are in an excited state). We have derived accurate analytical
formulas for the pressure Pβ(A,Z) and mean baryon density n¯β(A,Z) associated with the
onset of the first electron capture by nuclei (A,Z), as well as the heat q(A,Z) deposited.
Using the available experimental nuclear data and considering various ashes of X-ray
bursts, we have found that the amount of heat deposited in the outer crust by individual
sources can be up to about an order of magnitude larger than previously estimated in
Refs. [33, 56, 57] considering ashes made of pure 56Fe or 106Pd, and whose results have
been widely used in neutron-star cooling simulations. The main heat sources are located
at densities 1010 − 1011 g cm−3. Electron captures and pycnonuclear fusions of carbon or
oxygen could thus potentially explain the origin of the shallow heating introduced in cooling
simulations to reproduce the observed thermal relaxation of quasipersistent SXTs. However,
our calculations yield upper limits. The amount of heat effectively deposited in the outer
crust may actually be lower. It depends on the uncertain initial composition and abundances
of X-ray burst ashes [53], on the fraction of energy carried away by neutrinos produced by
electron captures, and on the uncertain rates of pycnonuclear reactions [58]. In any case,
the large amount of heat required for interpreting the cooling data of Aql X-1 and MAXI
J0556−332 remains a puzzle.
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